We investigate the possibility of kaon condensation in the dense interior of neutron stars through the s{wave interaction of kaons with nucleons. We include nucleon{nucleon interactions by using simple parametrizations of realistic forces, and include electrons and muons in {equilibrium. The equation of state above the condensate threshold is derived in the mean eld approximation. The conditions under which kaon condensed cores undergo a transition to quark matter containing strange quarks are also established.
Introduction
The idea that the ground state of baryonic matter might contain a Bose{ Einstein condensate of kaons above a certain matter density is due to Kaplan and Nelson 1]. Using an SU(3) SU(3) chiral lagrangian, these authors showed that at ' 3 0 where 0 = 0:16 fm ?3 is the equilibrium nuclear matter density, matter containing a kaon condensate was energetically favorable, and, that the formation of such a state was to a large extent driven by the kaon{nucleon sigma term KN . The ansatz for the condensate included pion and kaon condensates with colinear momenta of arbitrary magnitude. To determine the ground state, the authors carried out numerically a multivariate minimization with respect to the momenta, the condensate amplitudes and the charge chemical potential (to implement charge neutrality).
Brown, Kubodera and Rho 2] came to similar conclusions, using a reduced SU(2) SU(2) model, the V-spin {model, with a symmetry breaking term given by KN . In this model, it is assumed that pions will not condense at the relevant densities, and that interactions other than s{wave kaon{baryon interactions are relatively small and may be ignored. The authors also suggested that the condensation of kaons may be understood as a chiral rotation away from a V{spin scalar ground state. The term in the Hamiltonian which breaks chiral symmetry explicitly is proportional to KN (cos ? 1) , where is the rotation angle of the expectation value of the kaon eld away from the scalar ground state. After kaon condensation sets in at a given matter density, the angle increases and the explicit chiral symmetry breaking term is reduced. This will lead to a partial restoration of the chiral symmetry explicitly broken in the vacuum. Politzer and Wise 3] have recently reanalyzed the kaon condensation threshold in the Kaplan{Nelson model, including both pions and kaons interacting with baryons through s{wave and p{wave interactions. Analytic expressions for the threshold densities for pion and kaon condensation were obtained by investigating the energy density for small values of the condensate amplitude.
Recently Brown, Kubodera, Rho and Thorsson 4] examined kaon condensation due to s{wave meson{baryon interactions in the Kaplan{Nelson model. The analyses included nucleon{nucleon interactions from a simple parametrization due to Prakash, Ainsworth and Lattimer 5] and included electrons in -equilibrium with the hadronic matter. In addition to the dependence on KN , the condensation threshold also depends on the nuclear symmetry energy. The energy density and composition of the ground state above the condensation threshold was also studied. A basic premise of this work was that above the condensation threshold, it becomes energetically favorable for kaons to be converted into electrons through strangeness changing reactions. A simple estimate indicated that these reactions take place rapidly enough to establish chemical equilibrium during neutron star cooling. It was found that the symmetry energy favors relatively large values of the proton to baryon ratio x. The large proton fraction x found implies that kaon condensation might trigger the rapid cooling of neutron stars via the direct URCA process involving nucleons 6]. In the treatment of ref. 4] , the formation of a kaon condensate does not require the existence of a pion condensate as in ref . 3] . It was considered likely that the in medium modi cation of g A , the axial vector coupling in the nuclear medium, e ectively prevents the condensation of pions.
In this work, we improve and extend the analysis of ref. 4 ] and discuss its astrophysical implications. The work is organized as follows. In sect. 2, we establish the equilibrium conditions of matter in beta equilibrium in the presence of a kaon condensate. The threshold density for kaon condensation and the composition of matter above the condensation threshold are also discussed here. In sect. 3, we construct neutron stars with a kaon condensate. The structural changes brought about by the condensate and the implications thereof are then presented. Whether the inner cores of such stars can contain quark matter or not is investigated in sect. 4 . Section 5 contains a discussion of the situation when neutrinos are trapped. We also discuss the evolution of a newly-formed neutron star from the neutrinotrapped state to the nal cold, catalyzed state. Avenues for future investigation are outlined in section on 6. A brief discussion of the kaon self{energy and the condensation threshold is given in appendix A. (2.8) There is a large uncertainty associated with the coe cient a 3 m s , which is related to the (poorly known) value of the strangeness content of the proton h ssi p , and to the kaon{nucleon sigma term KN 1, 3, 16] . The sigma term may be related to meson{nucleon forward scattering amplitudes, but the analysis involves a delicate extrapolation to unphysical momentum transfer. Depending on whether or not one considers this analysis to be correct, the strangeness content of the proton ranges from h ssi p = 0 to the larger value of h ssi p = 0:21h uu+ dd+ ssi p The possible values of the sigma term that we consider are therefore between KN = 168 MeV and KN = 520 MeV. The kaon{nucleon sigma term provides the attractive interaction between nucleons and kaons that drives the kaon e ective mass down with increasing density and leads to the condensation of kaons. The magnitude of KN is in uential in determining the threshold and magnitude of the condensation.
The threshold density for kaon condensation is the density at which the total energy density of matter is lowered by the introduction of a kaon condensate. The most tractable assumption is that the transition to a state containing a condensate occurs for an arbitrarily small amplitude of the condensate. The condensation 1 The values a1ms = ?67 MeV and a2ms = 125 MeV give a better overall t to the masses of the strange baryons; here we employ the larger a2ms that ts the mass accurately as in ref. 3] . This choice has very little in uence on the results. threshold, in this case, is given by the dependence of the energy density on small values of the kaon eld amplitude only. However, our knowledge of loop e ects contributing to the energy density is incomplete. In addition, at the mean eld level, the Lagrange density (2.1) involves nonlinear interactions among the meson and baryon elds. In principle, either could conspire to produce a threshold for which the energy density would be lowered by introducing a condensate of nite amplitude, implying that the phase transition is rst order. When we study the full nonlinear KN interactions at the mean eld level, we shall see that the transition indeed occurs for small values of the condensate amplitude. We assume that the inclusion of loop e ects does not alter this conclusion drastically.
If only s{wave interactions are retained, the condensate is spatially uniform. The meson condensate is then characterized by the time dependence (see Baym 9]) hK ? i = v K e ?i t ; hK + i = v K e i t : (2.11) Here the amplitude v K is taken to be real. The non{linear interactions are conveniently parametrized in terms of the rotation angle = p 2v k f ; (2.12) which is analogous to the conventional rotation angle of the {model (see, for example, 2, 20] The functions (2.35) mimic the results of more realistic models. Inclusion of the nuclear symmetry energy, which has heretofore not generally been considered in the context of meson condensates, is important in obtaining the correct matter composition, and a ects both the threshold and amplitude of the kaon condensate. The symmetry energy favors the addition of protons to nuclear matter and contributes to the large proton fraction x found in the ground state in the presence of a meson condensate.
In order to determine the energy density of the charge neutral ground state, , we nd the ground state ofH for xed baryon density. Denoting the energy of the ground state ofH by~ , this is done by extremizing~ with respect to x; ; and : @~ @x = 0; @~ @ = 0; @~ @ = 0;
which leads to the following set of equations: 
NUMERICAL RESULTS
The critical density may be found from the above relations simply by setting = 0. Although the result cannot be expressed in closed form, a numerical determination of the critical density is straightforward. Critical densities from eq. (2.39) are displayed in table 1. The choice of a 3 m s has a greater e ect on the critical density than the choice of F(u) or S o . In this model, the upper and lower bounds for the critical density are u c = 4:95 and u c = 2:30, respectively. The inclusion of muons in beta equilibrium increases the critical density slightly over that obtained when muons are ignored. For example, the critical density in the rst case in table 1 is u c = 3:90 when only electrons are included. This behaviour is expected, since the electron chemical potential in beta equilibrium is higher if muons are ignored and the threshold condition is therefore ful lled at a lower density.
An equivalent method to determine the threshold density for kaon condensation is to determine the density at which the charge chemical potential 0 in the absence of a condensate corresponds to the energy of a physical particle. This corresponds In tables 3, 4 and 5, we show the angle at which the energy is minimized as a function of density. Also tabulated are the chemical potential , the gain in energy density = (u; ) ? (u; 0) (due to the appearence of the condensate), the proton fraction x, the kaon fraction x K K = , the electron fraction x e e = and the muon fraction x = for the minimum energy con guration. From charge neutrality x = x K + x e + x . In tables 3 through 5, a 3 m s = ?134 MeV, ?222 MeV and ?310 MeV, respectively.
The results in tables 3 through 5 indicate that the transition from normal matter to matter with a condensate is of second order, with the amplitude of the condensate v K or serving as an order parameter. Following Migdal 21] , we consider the transition in a Ginzburg{Landau description by expanding the energy density eq. (2.32) to second order in 2 . We then nd that just above threshold the energy density has the density dependence
(2.41) where is a positive constant independent of density. In the case of pion condensation, it was shown by Dyugayev 22] that in the vicinity of the critical point, long range pion{pion interactions cause the transition to matter with a pion condensate to be weakly rst order.
Above the threshold density for condensation, the condensate contribution to the energy density and pressure are: Prior to condensation, is a gradually increasing function of the density ratio u with the rate of increase controlled essentially by the density dependence of the symmetry energy S(u). With the onset of condensation, the net negative charge in the kaon elds causes the lepton concentrations to decrease which reverses the behavior of with density. From tables 3, 4 and 5, we see that, in each case, there is a certain value of u for which = 0. This implies e = 0 and hence K = p .
Charge neutrality (2.38) gives the simple relation y and 1=u =0 increase roughly proportionately with a 3 ; this behavior is followed in the tables. Also note that u =0 is expected to be insensitive to the symmetry energy term S 0 , since y 1. In more generality, the properties of the condensate are not very sensitive to the behavior of the symmetry energy at high densities for the models we have chosen. This behavior will change, however, if the symmetry energy becomes negative, as they do in some early potential model calculations. When = 0, the net negative charge in the condensate is balanced by protons, i.e.,
which from eq. (2.47) has the approximate value of 1=2. The condensate energy density and pressure for = 0 are particularly simple:
(2.50) wherin for P K the result =0 ' 2 arctan(1= p 2) has been utilized.
For higher densities, < 0. At these densities, the matter contains positrons in chemical equilibrium with the kaon condensate and nuclear matter. The charge of the positrons and protons is balanced by the charge of the kaon condensate, which remains negative ( K > 0). The more negative the a 3 m s , the lower the threshold for positron production. From these tables, we also see that there is a further threshold for the production of positive muons at somewhat higher densities. The following section will include a discussion on whether the relevant densities are reached in realistic neutron star calculations.
Neutron stars with a kaon condensate
In this section, we examine whether or not a kaon condensate can exist in the core of a neutron star, and if so, how the presence of a condensate would a ect the gross features of the star, such as its mass and radius. In general, the maximum mass of a neutron star is low if a soft nuclear equation of state is employed. It is therefore important to know if equations of state with a kaon condensate, which provides additional softening, will be sti enough to produce a star of mass greater than 1:44M , the value for the largest neutron star in the PSR 1913+16 system and the lower limit for the maximum neutron star mass. We shall see that this constraint is not satis ed for all combinations of the underlying nuclear equation of state (as given by the parameterization of ref. 5], for example) and the value of the condensate parameter a 3 m s , which speci es the strangeness content of the proton. In many cases studied, the compressibility K = 9dP=d j c at threshold is found to be negative. This implies that just above threshold, matter will be compressed until hard core repulsion results in a positive compressibility 21]. Following Migdal 21] , we use the Maxwell construction to maintain a positive compressibility. Note that the Maxwell construction is normally applied to phase transitions that are rst order by construction, whereas the transition here is of second order (see sect. 2.2). It may be that the conclusions of Dyugayev 22] , that long{range interactions cause the transition to be weakly rst order, also apply here.
THE EQUATION OF STATE
In Fig. 2 , we show the pressure as a function of total mass{energy density for K 0 = 240 MeV, F(u) = u and two values of a 3 m s . In both cases shown, the EOS is softened considerably due to the condensation. For a 3 m s = ?222 MeV, the condensation is so strong that a Maxwell construction is required, with the densities u min = 2:26 and u max = 5:47 being the lower and upper densities of the region of constant pressure. If the magnitude of a 3 is further increased, the value of u min continues to fall. As a rule, we shall consider solutions with u min < 1 to be unrealistic; this occurs for our nucleon-nucleon force when a 3 m s > 310 MeV and K 0 > 300 MeV (see also Figure 5 ).
STELLAR STRUCTURE RESULTS
We turn now to the solutions of the TOV equation, the equation of general relativistic hydrostatic equilibrium. In Fig. 3 Figure 5 appreciably. It is somewhat surprising that the maximum mass is only slightly sensitive to the value of a 3 . Since any model for cold, catalyzed matter must satisfy the binary pulsar constraint that M max > 1:44M , some combinations of K 0 and a 3 are not permitted. E ectively, if a condensate occurs, K 0 must be greater than about 180 MeV. If a condensate does not occur, the minimum allowed value of K 0 is about 115 MeV (see Table 6 ).
In Tables 6 through 8 , we list the mass M max , the radius, R, the central density cent and the Keplerian rotational frequency K (see below) of maximum mass stars. In Table 6 , the maximum mass star properties are listed for the EOS without kaon condensation. In Table 7 , the maximum mass star properties are given for a 3 m s = ?134 MeV, for various compression modulii K 0 , and the three choices for the potential contribution to the symmetry energy F(u). In Table 8 The structural changes in the star induced by the occurence of a condensate has other implications as well. High frequency pulsars, if observed, could set severe limits on the possible nuclear equations of state, assuming that the pulsations are due to rotation 26, 27] . The maximum rotation rate of a neutron star with a given equation of state is given by the Keplerian frequency K , de ned as the rotational frequency at which the orbital velocity of a particle at the equator is equal to the equatorial surface velocity. For rotational frequencies greater than K , the neutron star will expel mass in the equatorial region. where the subscript \max" denotes properties of the maximum mass non{rotating star of a given EOS. This result seems to be independent of equation of state and whether or not condensates and/or quark matter appear. As pointed out in ref. 27 ], the softening induced by kaon condensation in the vicinity of nuclear matter density and subsequent sti ening at higher densities permits a large rotational frequency supporting at the same time a mass of at least 1:44M , as shown in tables 7 and 8. In general, the sti er equations of state tend to produce larger radii and hence lower K 's. Another implication of a kaon condensate concerns the thermal evolution of neutron stars. Kaon condensates would increase neutrino emissivities by a large factor compared to conventional neutrino processes such as the modi ed Urca process. As we now discuss, the enhanced emission is due mostly to the direct nucleon Urca process as opposed to the kaon condensate itself. Enhanced neutrino emission leads to more rapid cooling of neutron stars 4], and could have signi cant observational consequences.
The contribution to the neutrino emissivity from a kaon condensate due to the direct and inverse processes in eq. where m n is the nucleon e ective mass, T is the temperature, T 9 is the same in units of 10 9 K, g A is the nucleon axial{vector coupling constant and C is the Cabibbo angle. This result generalizes the earlier estimate of Brown et al 28], who considered only small amplitudes of the condensate. The only di erence from the earlier result is that the condensation amplitude factor ! sin .
The cooling induced by the kaon condensate is substantially more rapid than the standard modi ed Urca process, but is signi cantly slower than that due to the direct Urca processes in eq. In the presence of a kaon condensate, however, a large proton concentration is required to satisfy charge neutrality, and the kaon condensate will automatically trigger the more rapid direct Urca process. The condition, eq. (3.4), is generally satis ed except for a narrow range of densities around the point where = 0 and Y e vanishes. Because a neutron star encompasses a range of densities, the direct Urca process is sure to occur somewhere in the star. The fact that the direct Urca process may be forbidden in a narrow range of densities in a neutron star's interior is inconsequential, and the core of the star will rapidly cool.
Another intriguing question is whether the densities encountered in neutron stars are su ciently large for the production of positrons or positively charged muons as noted in sect. 2. As eq. (2.45) maintains, this density is primarily determined by the value of a 3 . For a 3 m s = ?134 MeV, positron production sets in at u ' 10, while the central densities achieved in maximum mass stars can in fact be larger than this (Table 7) in some cases. For a 3 m s = ?222 MeV, both e + and + appear at much lower densities (u = 5:3 and u = 6:8, respectively). The central densities of maximum mass stars for this case are well above these values (see Table  8 ).
Let us summarize the results of this section. Modest values of the strangeness content of the proton lead, in this model, lead to the formation of kaon condensates in the cores of neutron stars with masses in the range of those observed. There is a strong dependence of the maximum mass on the overall sti ness of the EOS, but the dependence on the strength of the condensate and the choice of the symmetry energy is relatively weak. In the model under consideration, some combinations of sti ness and the intrinsic strangeness content of the proton are ruled out by the observation of a 1:44M mass neutron star in the binary pulsar PSR 1913+16. The maximum rotational frequency of stars with kaon condensates can be quite large and could be compatible with a sub{millisecond pulsar, should one ever be observed. The neutrino emissivity from matter which contains a kaon condensate is substantially larger than that due to the standard modi ed Urca process, not because of condensate-induced neutrino emission, but mostly because of the occurence of the nucleon direct Urca process. Such stars will cool extremely rapidly. It is even possible that regions within the neutron star core exist which contain positrons and positively charged muons in chemical equilibrium with the condensate and nuclear matter.
Transition to quark matter
Depending on the pressure{density relationship, the density of matter in the core of a neutron star may be 1 ?2 fm ?3 (see tables 6 through 8). At such high density, the energy of quark matter may well lie below that of baryonic mattter with kaon condensates considered in the previous section. Here, we explore the conditions under which a phase transition to quark matter may take place.
THE EQUATION OF STATE OF QUARK MATTER
For the equation of state in the quark phase, we rst consider the work of Freedman and McLerran 29] in which the thermodynamic potential of a quark gas to fourth order in the quark{gluon coupling, g, was calculated.
The Fermi gas contribution to the thermodynamic potential from a quark species i ( To complete the description of the quark matter phase, the results in eq. (4.9) are supplemented with the dynamics of the MIT bag by adding a positive constant contribution, B, to the energy density E, whence ! + B ; P ! P ? B ; and E ! E + B:
The constant B has the simple interpretation as the thermodynamic potential of the vacuum, and in comparisons of energy and pressure of quark{matter to nuclear matter calculations, is regarded as a phenomenological parameter.
NUMERICAL RESULTS
The transition density t above which the quark phase has a lower energy than the hadronic phase follows from the Gibbs criterion that the chemical potentials and pressures in the two phases are equal at t . For a given EOS on the hadronic side, the magnitude of t depends sensitively on whether the hadronic EOS is soft or sti at the relevant densities 27, 32]. For sti hadronic EOS's, t is often larger than the central density of the maximum mass star, c . Soft hadronic EOS's allow matter to exist at much higher densities, which could permit quark cores to exist.
In addition, the transition density will depend on the bag constant, B (recall that B is not well constrained in perturbative QCD calculations of quark matter). MeV, where it is again seen that a transition to the quark phase is possible only if small values of c are used in the description of the quark phase. When it occurs, the transition takes place at densities substantially larger than (4 ? 5) 0 , and only for select choices of the bag constant B. As with the other EOS's examined here, the presence of a kaon condensate postpones the transition to a quark matter phase to higher densities.
The general conclusion which emerges from the above analysis is that the softening provided by the occurence of kaon condensation invariably postpones the transition to a phase comprising of quark matter to higher densities than the case without kaon condensation. The transition density and hence the size of the quark core depends rather sensitively on whether the underlying nuclear EOS is soft or sti at the relevant densities, and on the bag constant, B.
Neutrino Trapping
In a newly formed neutron star which is less than several seconds old, neutrinos of all species are locally trapped in dense matter (density greater than about 10 13 g cm ?3 ). In this case, the beta equilibrium conditions in the matter are altered from what is described in sect. 2. Thus, the composition of matter is a ected, and the threshold densities for both kaon condensation and for quark{hadron phase transition will be altered. are conserved on beta equilibrium time scales. As neutrinos di use through the matter, the lepton numbers will change. It is beyond the scope of this work to make detailed predictions of how the lepton numbers change with time, but it is interesting nevertheless to make some observations regarding the e ect of trapped neutrinos.
Neutron stars are thought to be formed as the result of the gravitational collapse of the white{dwarf core of massive stars to nuclear densities. Beyond densities of about 10 13 g cm ?3 , neutrinos are trapped in the matter, being unable to propagate on dynamical timescales. Electron capture reactions, which proceeded due to the increasing density and electron chemical potential, e ectively halt as the trapped neutrinos settle into a degenerate Fermi sea. The contribution to pressure from neutrinos of a given species is P e = ( The immediate consequence of smaller values for is to signi cantly delay the onset of kaon (or pion) condensation until higher densities. As in the case for no trapped neutrinos, the threshold densities are dependent on the functional forms of S(u) but are independent of the overall sti ness of the energy density function such as the form of V (u) or the value of K 0 . Fig. 10 shows the dependence of the threshold density for kaon condensation on the trapped electron neutrino number When a neutron star is born, its central density is only about 2 0 . This value is comparatively small because the initial mass of the neutron star is no more than 1:0M . With such small initial masses and central densities, our condensate model predicts that as long as neutrinos are trapped, no condensate will initially exist in the neutron star's core.
A neutron star acquires its nal mass through accretion of matter that fails to be ejected in the supernova explosion. This accretion can continue for the rst several seconds of its life 41]. Although the lepton concentrations in the newly formed star are large and give rise to considerable lepton pressures, the loss of lepton pressure is largely compensated by an increase in nuclear symmetry pressure as the neutrinos di use out. Figure 11 displays the total mass of a neutron star as a function of density for the case in which neither a kaon condensate nor a quark transition occurs. Two situations are displayed for each of two typical compression moduli, K o . The rst corresponds to trapped electron neutrinos (Y Le = 0:4), the initial state of a neutron star; the second to cold, catalyzed matter (Y e = 0:0), the nal state of a neutron star. Obviously, in the absence of mass accretion, the central density of a star would, in general, not evolve much and could actually have a net decrease with time. However, after the accretion of several tenths of a solar mass of matter, the star's central density should rise appreciably.
Thus, the central density of a young neutron star is expected to increase as additional mass is accreted. At the same time, the threshold density for condensation will signi cantly decrease as neutrinos di use out and Y e drops. Thus, although not initially present, a kaon condensate could appear during the evolution of the star. Figures 12 and 13 show the mass{central density relation for neutron stars with kaon condensates for the cases a 3 m s = ?134 MeV and a 3 m s = ?222 MeV, respectively. Two values for K o , 180 and 240 MeV, and the cases of trapped neutrinos and cold, catalyzed matter are shown. These gures should be compared to Figure 11 which shows the identical cases when kaons do not condense. The reduced maximum mass in the case of a condensate is noteworthy, especially when K 0 is small and ja 3 j is large, as is the fact that the evolution will invariably be to a much larger central density. This can be expected to signi cantly in uence the neutrino emission from newly formed neutron stars.
Similar arguments apply to the quark{hadron phase transition which will now occur at higher densities than before. The beta equilibrium condition corresponding to eq. These scenarios are not just of academic interest. With the advent of neutrino detectors capable of observing thousands of neutrinos from a typical supernova located within our galaxy 40], it is becoming feasible to test di erent scenarios observationally. There are two aspects of the evolution that will be very important from the point of view of discrimination: The total neutrino energy radiated and the net excess of e emission relative to other neutrino types.
The total neutrino energy radiated is determnined by the nal binding energy of the star. To be speci c, Figure 14 shows the binding energy of 1.4 M stars as a function of K 0 and a 3 . In the upper-left part of the gure, where the contours are horizontal, there is no condensate because the central density of the star is too small.
The central density of a 1.4 M star without a condensate is not very sensitive to the value of K 0 , and, hence, neither is the binding energy. However, if a condensate is present, the central density and binding energy rise abruptly. In general, stars of a given mass containing a condensate can have much larger binding energies than those without. Electron neutrinos escape from the core, where they have energies of order 200-300 MeV, by di using to the surface where they are radiated with energies of order 10{20 MeV. In the process of di usion they lose the bulk of their energy which eventually appears as pairs of all three neutrino avors. Thus each electron neutrino generates about 3 pairs of each avor. It is to be expected that although the bulk of the emitted neutrinos from a cooling neutron star are equally distributed among neutrino types of all species, a slight (10{20%) excess of e 's will exist due to the net change in x e and Y e in the star's interior. The net excess of nu e 's will depend on the change in the total electron-lepton number, Y Le = Y e + x e , during this stage. The change in Y Le will be larger in the case of a meson condensate because the nal electron fraction will be much smaller. If there is no condensate, the nal density will be about 3 o and the nal electron fraction will be x e ' 0:1.
If a condensate exists, the nal density will be much larger and the nal electron fraction can even be negative. Whether this will translate into an observable increase in relative electron-neutrino emission or not is the subject on ongoing studies.
Since the binding energy appears observationally as neutrino energy, condensates will result in a larger net neutrino emission. As discussed previously, one does not expect the kaon condensate to exist when the neutron star is born, but if it appears it should do so after several seconds, the neutrino di usion/mass accretion timescale. This timing may be translated into a perceptible change in the neutrino luminosity marking the condensate's appearance. It is very interesting that observations of neutrinos from forming neutron stars may provide direct evidence for a condensate's formation.
In addition, due to the separate conservation of each lepton number on dynamical timescales, variations in x might too give rise to observable consequences.
Initially, in both cases there are no muons present due to the low value of caused by neutrino trapping. However, as the e 's leak out of the core, increases and muons eventually appear. Conservation of muon lepton number then implies that these muons must be accompanied by an equal number of 's, which will begin to di use to the surface. Thus, as the value of x increases, one can anticipate an excess in emitted 's relative to 's. In the case of no condensate or quark core, this situation persists to the end of the evolution, but in the case in which condensates and/or a quark core appears, the value of x drops and could even become negative. Once this occurs, there would have to be a reversal of the previous trend, and a net excess of 's would now be emitted. Finally, consider the case in which a quark core forms. The quark{hadron transition density, which is shifted to higher values both by trapped neutrinos and by the possible occurence of a condensate, may never be achieved in a neutron star. If it is achieved, it will probably occur only after neutrinos have di used out of the star's core and the nal mass of the star has accumulated, a time of several seconds at least. Quark cores have electron concentrations of order 0. Thus the net change in Y Le will not be as large as in the case of a kaon condensate, although stars with quark cores have larger binding than similarly massive stars without quark cores. Therefore, it may be possible to discriminate among these situations solely on the basis of neutrino observations. It remains to be seen if the predicted excesses of one neutrino type over its antiparticle are potentially observable. The excesses will depend on details of neutrino transport in cooling neutron stars, a subject which is beyond the scope of the present paper. It should also be pointed out that the composition and when the condensate/quark core appears, if ever, will depend on the star's temperature, which undergoes considerable evolution during this stage. As electron neutrinos di use out of the core, their degeneracy energy is left behind, and the star will heat up 36]. Due to increases in both density and entropy, the central temperature should eventualy exceed 50 MeV. From previous work on the e ects of nite temperatures on pion condensation 37], it is known that such temperatures will inhibit condensation formation. Whether a condensate is actually prevented from appearing until the temperature eventually drops, after 10{20 seconds, or whether a condensate can appear earlier, remains unclear and is the subject of ongoing study. The results of this section should apply to other models of kaon and pion condensation with some generality. Needless to say, the prospect of observationally determining the existence or absence of a meson condensate or quark core is an exciting one.
Outlook
In closing, we turn to extensions and improvements that are promising directions for future study. We have not included hyperons, which may enter at a few times nuclear matter density, that interact with kaons and nucleons via p{wave interactions. While expected to inhibit kaon condensation by increasing the numbers of degree of freedom, the nature of the hyperon{nucleon interaction may instead allow a condensate to form more readily. Inclusion of all members of the meson and baryon octets, in the determination of both the critical density and the equation of state, may be necessary. Relativistic corrections to the nucleon wavefunction can be important at the central densities under consideration and should be included. The extent to which the mean eld results presented here are altered by further quantum corrections (loop e ects) is also unclear at the present time. The structure and composition of stars containing Bose condensates and/or quark matter may be intermediate to the idealizations employed here.
During the completion of this work, we have received a few preprints 38, 39] in which some advances along the lines mentioned above have been reported. These recent ndings a rm the essential results concerning the onset of kaon condensation presented in this paper.
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